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Abstract

The solar wind is a supersonic flow of plasma coming out of the Sun and propagating
throughout the heliosphere. Because of the Sun’s rotation and the variability in the source
of the solar wind, fast moving wind can crash into slow wind. This results in an interface
that can repeat as the Sun rotates, known as a Corotating Interaction Region (CIR), where
the slippage of fast wind past slow wind is a source of turbulence. I have taken 5 CIR
events from the solar minimum years 2007 and 2008 to analyze their turbulence parameters
and compared them to non-CIR (ambient) turbulence from solar maximum years. The CIR
turbulence differs from the ambient turbulence because it is effectively a point source and
the hope is to find evidence of turbulent energy emanating from the interface. This should
present some nonhomogeneities not seen by non-CIR turbulence. We find that there are
some differences with the CIR turbulence, but for the most part the CIR turbulence has the
same results as past turbulence studies. This most likely means that the evolution of solar
wind turbulence is faster than that of the source.
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Chapter 1

Basics of the Solar Wind

1.1 Properties of the Solar Wind

The solar wind is a supersonic gas propagating throughout interplanetary space. It is an
extension of the solar atmosphere driven by the difference in gas pressure between the Sun
and space. The vast majority of the constituent particles are protons and alpha particles
(*He*t). Helium also has an average abundance of 4-5% by number. In addition, isotopes
up to Iron have been observed [16]. The solar wind has an average density of about 10
em™> near Earth. Density is dependent on solar activity and wind speed; during times of
solar activity the density tends to spike. Wind speed can vary from 200 km/s to 1000 km /s,
however, nominal speed during times of reduced solar activity is 400 km/s to 600 km/s. The
average temperature is about 10° K, although at such an extremely low density, there is very
little heat capacity. Like density, the temperature is related to solar activity.

Just as with Earth, the Sun has a mostly dipolar magnetic field. The process that
generates the magnetic field is called a dynamo. It is suspected that the magnetic field is
generated by rotating charged fluid in the interior. The solar magnetic field encompasses the
entire solar system and is known as the Interplanetary Magnetic Field (hereafter referred to
as the IMF).

The IMF is coupled to the solar wind and is carried out by it. Local electromagnetic
interactions are governed by the geometry of the IMF. lons gyrate around the field lines.
The gyration has a characteristic radius given by

muv,

r= 7] (1.1)

1.1.1 Magnetosphere

When the solar wind reaches a planet with a magnetic field, like Earth, it interacts. Earth’s
magnetic field generates a barrier around the planet, known as the magnetosphere. On the
day side of the magnetosphere and around part of the night side, there exists an interface
known as the bow shock. This is the location where the ram pressure of the solar wind
equilibrates with the magnetic pressure of Earth’s magnetosphere. This effect is similar to
a rock in a fast moving river. There is a stationary shock wave in the stream that causes
the water to slide around the rock. In the case of the magnetopause, the shock does move
depending on the pressure from solar wind (for example, a solar storm can compress the
bow shock closer to Earth). Likewise, during quiet solar wind, Earth’s magnetic field is
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Figure 1.1: Artist’s rendition of the heliosphere. (Image courtesy of NASA ).

able to push the bow shock sunward. As the solar wind is diverted around the side of the
magnetosphere, it forms a long, narrowing boundary on the night side of Earth, called the
magnetotail.

1.1.2 Termination Shock

The solar wind extends out to approximately 100 AU (1 AU is equivalent to the Earth-Sun
distance) where it reaches the termination shock. This is the point where pressure from the
solar wind balances with the Local Interstellar Medium (LISM). When the the solar wind
reaches the heliopause, it joins with the flow of the LISM. The termination shock completely
surrounds the heliosphere and is approximately bullet shaped. The shock has become an
object of study in recent years because we are getting our first in situ measurements of it
from Voyagers 1 and 2. An artists depiction of the entire heliosphere is shown in Figure 1.1.

1.2 History of Solar Wind Measurements

Studies of solar-terrestrial relations have a long history. Before the space age there were
numerous ways to remotely measure the effects of solar activity on our planet. Aurora
studies go back thousands of years, and chemical analysis of tree rings is also an indicator
of the sunspot record (sunspot number correlates to solar activity). A lack of solar activity
from 1645 to 1715, called the Maunder Minimum, has been linked to unusually cold weather.
Viking settlements in Greenland correpsond to what is known as the Medievel Warm Period
immediately preceeding the Maunder Minimum. During the Maunder Minimum, Vikings
abandoned Greenland, possibly due to climate change. In the twentieth century, studies of
comet tails portended the existence of a solar wind. Astronomers found that comets contain a



second tail that always points anti-sunward. In addition to a dusty tail, a comet has a second
tail that contains ions. This is known as a plasma tail. The observation that the plasma
tail always points anti-sunward meant that there must be a continuous solar wind. During
the early 1950s most astronomers thought that the solar wind only came in intermittent
bubbles. It was referred to as solar corpuscular radiation. In 1958 Eugene Parker predicted
the existence of a continuous, supersonic solar wind. This was soon confirmed by in situ
measurements from early satellites. This forms the basis for our current picture of the solar
wind.

1.2.1 Current Missions

The arrival of the space age has greatly increased our knowledge of the solar wind. In the
1970s the Helios spacecraft went within 0.3 AU of the Sun; the closest of any spacecraft to
date. A new mission, Solar Probe, is scheduled to get much closer to the Sun around 2015.
The two Voyager spacecraft, launched in 1977, have reached the termination shock and are
returning the first in situ measurements of the boundary regions between the Heliosphere and
the LISM. As of 2009, the IBEX mission is mapping the termination shock by measuring
neutral particles coming in from the LISM. Ulysses, launched in 1990, did several polar
orbits about the Sun, revealing much about properties of the high-latitude solar wind. The
spacecraft that will be used for this thesis, ACE (Advanced Composition Explorer), was
launched in 1997 and takes plasma measurements at the L1 point between the Sun and

Farth.

1.3 Solar Cycle

The Sun goes through eleven year cycles of activity, switching between stages of solar min-
imum and solar maximum. This effect is thought to be a result of the Sun’s differential
rotation. Because the Sun is not a rigid body, its equatorial regions rotate faster than the
polar regions. Because low latitudes on the Sun rotate faster than high latitudes (the equator
has a rotational period of about 25 days and the polar latitudes take about 29 days to com-
plete a rotation), the magnetic field can quickly become twisted and mangled. It is thought
that as the field becomes more and more distorted, there is an increase in solar activity. This
is the rise toward solar maximum. Eventually, when the field becomes extremely distorted
it is able to reset itself, and the process begins again. At this point, the Sun would be re-
turning to solar minimum. The details of the resetting process are mostly unknown. During
the time that the magnetic field is highly distorted the sunspot count becomes elevated;
likewise, when the Sun’s magnetic field is more dipolar the sunspot count is low. The last
solar maximum was around 2001, and as of 2009, the Sun is coming out of solar minimum
into the next maximum. It is during the solar maximums that we see the most solar flares
and CMEs (see Section 1.4), which can occur several times a week. During solar minimum
these phenomena are only seen a few times a year, and tend to be smaller in magnitude.

1.4 Coronal Mass Ejections

Sometimes magnetic energy on the Sun can cause a violent release of energy, eventually
triggering a Coronal Mass Ejection (CME). The CME begins as a prominence. A prominence



is a magnetic field line coming off the surface of the Sun and going back in, forming a loop of
plasma emitting visible light. The footprints of the prominence are areas of opposite magnetic
polarity. At some point the prominence builds up enough energy to release massive amounts
of matter. This is thought to be a result of magnetic reconnection; a process where magnetic
field lines cross, disconnect, then reconnect with a new topology, releasing energy. In a typcial
CME, a massive amount of matter is released from the Sun in one giant burst. This release
of energy triggers extremely hot and fast solar wind, and becuse of the supersonic speeds,
a shock. When the CME reaches Earth it interacts with the day side of the magnetopause.
The interaction sends current around to the night side of the magnetosphere and upon
reaching it, connects to the ionosphere. Upon reaching the ionosphere a geomagnetic storm
is triggered. The visible result of geomagnetic storms are auroras, however there are other
effects as well. A geomagnetic storm can cause current to run through power lines damaging
them, and can throw off GPS signals and radio communication. One little known impact of
geomagnetic storms is on racing pigeons. Since the pigeons use the geomagnetic field as a
guidance system, they lose their sense of direction during a geomagnetic storm. During solar
activity the Space Weather Prediction Center in Boulder, Colorado warns pigeon racers to
cancel any events that they have planned until the geomagnetic field settles. CMEs are also
often seen at the same time as solar flares, which are an intense release of radiation from the
Sun. This source of extreme solar activity is coronal holes. A coronal hole is a structure on
the Sun that acts as a source of hot, fast solar wind. It is not really a hole in the corona;
rather a coronal hole is an area of lower density plasma in the solar atmosphere. The coronal
holes tend to appear during times of increased solar activity and are associated with flares
and CMEs. At high solar latitudes there are permanent coronal holes. High speed solar
wind (often coming from coronal holes), Vs > 500 km/s, is funademantally different from
low speed solar wind, Vs < 400km/s. High speed streams are hotter and more tenuous,
while low speed winds have a higher density and are not as hot.

1.5 Origin of the Solar Wind

1.5.1 Parker Solutions

In his landmark 1958 publication, Fugene Parker unveiled his hydrodynamic approach to
the solar wind [25]. In this publication Parker predicted that the hydrostatic model of the
corona, the leading theory of the time, was unphysical. Parker applied Bernoulli’s equations
and came up with several branches of solutions to the differential equations [26]. These
are shown in Figure 1.2. Plotted on the x-axis is distance from the Sun while the y-axis is
solar wind speed. The critical point in the middle is the speed of sound for Alfvén waves.
Solutions E and D are unphysical and solutions B and C do not match observations. The
F branch is known as the “solar breeze”. Parker was able to determine that solution A is
the one representing the solar wind and that it is supersonic. This led to the theory of the
hydrodynamic corona. Parker’s predictions were confirmed by the first in situ observations
a few years later.

1.5.2 Three Mathematical Approaches to the Solar Wind

The solar wind can now be described at different levels of complexity. The first level of
abstraction is the purely kinetic particle approach. In this approach we look at the solar
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Figure 1.2: The Parker solutions[17]

wind as a collection of individual particles. In principle every charged particle sees every
other charged particle (ignoring Debye shielding for the moment). This means that the total
force F; on any particle 7 is the sum of all electric and magnetic forces from all other particles:

F; = Z [(FE)i;+ (Fam)igl (1.2)

where
(Fr)ij = :q;/73; (1.3)

is the electric force on a particle ¢ from particle 7 and
(Far)ij = qivixB; (1.4)

where B; is the magnetic field from particle 7 and Fjs is the magnetic force. The energy,
velocity, charge, mass, etc. of each particle is taken into account. This method is the most
precise but can get very complicated.
The second level of abstraction is the Vlasov Equation:
af

q
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0 (1.5)

where f is particle density in six dimensional phase space, v is velocity, q is charge, and m is
mass. To this we add Maxwell’s equations to evolve the electromagnetic fields. This focuses
on an ensemble of particles and distinguishes each particle type.

The third level of abstraction is magnetohydrodynamics (MHD). This approach treats
the solar wind as a magnetized fluid. MHD is described by the induction equation (1.14)
which can be derived from Ampere’s Law.

. 1 0F
V x B_MOJ—I_C_?W (16)



In the nonrelativistic limit, c%% — 0. Hence,

V X B = oy (1.7)
B
J=o(E+5xB)= >~ (1.8)
Ho
E=-ixB+Z (1.9)
o
Let n = uo% Then we apply Faraday’s Law of Induction.
0B
F=—-—— 1.1
V x 5 (1.10)
0B . J
%—?:Vx(ﬁxB)—Vxn(VxB) (1.12)
Vx(VxB)=V(V-B)—(V-V)B (1.13)
This brings us to the MHD Induction Equation.
%—?:Vx (¢ x B) —nV*B (1.14)

The first term describes the changes in the magnetic field from plasma oscillations and is
called the convection term. The second term is the resistive term. In the infinite conductivity
limit (n — 0) we can eliminate the second term. This is the limit in which the frozen-in
condition applies. The frozen in condition states that as the plasma propagates and changes
its shape, the flux will not change. This means that in the reference frame of a parcel of solar
wind the magnetic field topology is unchanging. To this we add the Navier-Stokes equation,
which describes the evolution of a fluid. Magnetic terms derived from the Vlasov-Maxwell
equations are added to the Navier-Stokes equation.

1.5.3 Solar Wind Development

The Sun rotates with an average period of about 27 days (recall that the rotation is differ-
ential and dependent on latitude). This causes the magnetic field coming off the Sun to be
wound in the shape of an archimedian spiral. This also affects the solar wind parcels coming
off the Sun. The effect is much like a water sprinkler releasing water while spinning. The
water still moves radially but has a tangential component to its motion. In this same way,
the power in the solar wind propagates radially. This winding of the magnetic field leads to
the shape of what we know as the Heliospheric Current Sheet (HCS), the neutral plane of
the Sun’s magnetic field. The shape of the HCS is often described as a “ballerina skirt”. It
becomes more wavy, and exhibits larger disturbances in amplitude during solar maximum.
During solar minimum, the shape of the HCS becomes more simplified.

All these properties affect the solar wind we measure at 1 AU. It is a magnetized fluid
containing shocks, interface regions and turbulence. All the aspects of interplanetary space
written about above contribute to the transient and turbulent properties of the solar wind
discussed in Chapter 2.



Chapter 2

Bulk Solar Wind at 1 AU

2.1 Fast And Slow Wind

We see two different types of solar wind at 1 AU. As mentioned earlier, there is the hot,
tenuous fast wind, and the cooler, more dense slow wind. The following plots come from
a code I worked on from 2006 into 2008 (this code is explained further in Chapter 4).
Figures 2.1 and 2.2 show this difference remarkably well. Also shown is §p plotted against
proton speed. [p is the ratio of plasma pressure to magnetic pressure for the protons. If
Op > 1, the plasma is called ‘warm’ and if fp < 1, the plasma is ‘cold’. In the solar wind,
0.1 < Bp < 1.0. Figures 2.1, 2.2 and 2.3 all show standard solar wind properties discussed
in Chapter 1. These figures were a nice test to see if the code was working. The scatter in
each of these plots is exactly what one would expect from nominal solar wind.

2.2 Transients in the Solar Wind

The solar wind can be thought of as a continous fluid periodically interrupted by what
is known as transient events. These transients disturb the solar wind and do not exhibit
nominal solar wind properties. Indeed, many solar wind studies exlcude transients from their
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Figure 2.1: Proton density plotted against proton speed.
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Figure 2.4: Schematic of a CIR [13]

2.2.1 Shocks

One major transient in the solar wind is a shock. Shocks have already been mentioned in
the discussion of bow shocks. Bow shocks are known as standing shocks because they are
stationary in the frame of a magnetosphere. However, shocks do propagate. A moving shock
is generated by a source moving faster than the signal speed of the medium. In plasma physics
a shock is important because it represents a boundary between two different mediums. The
shocks that we are familiar with, such as sonic booms, are known as gas dynamic shocks.
Gas dynamic shocks transfer imformation through particle collisions. In space plasmas,
the density is low and collisions are very rare (the mean free path is around 1 AU). This
results in collisionless shocks. Collisionless shocks are able to transfer information through
electromagnetic interactions rather than collisions. This is very similar to the concept of
magnetic pressure and tension in MHD. Pressure and tension, processes normally thought to
occur with collisions, occur without collisions because the magnetic field has the same effect.
Behind the shock there is a transition back to the medium of the foreshock (the region ahead
of the shock). If the transition is fast, a reverse shock can occur.

2.2.2 Corotating Interaction Regions

As the Sun rotates, there is variability in the solar wind it emits. This variability is most
pronounced at low latitudes. As a result of the variability and rotation, fast solar wind can
“catch up” to slow solar wind. This results in an interface region, and creates a transient in
the solar wind known as a Corotating Interaction Region (CIR). Figure 2.4 shows a schematic
of a CIR.

A CIR can easily be identified by the discontinuities it creates in the solar wind. At
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the interface, electron temperature rises and alpha particle abundance increases [29]. Radial
evolution of the CIR leads to a steepening of the velocity gradient at the interface; if this
becomes sufficiently steep a shock will form [29]. Upstream of the interface is a spike in proton
density and temperature. A common feature of the fast-to-slow interface is an increase in
the Mg/O ratio [29].

Flow velocity is in opposite directions, always away from the interface. As a result, a shock
can propagate in both directions away from the interface. This is known as a forward/reverse
shock pair. When a CIR occurs, there is a compression region at the interface where magnetic
field lines come togther. Magnetic structures do not merge together because they are “frozen
in” to the solar wind and the field lines do not cross [29].

Because the solar variability that causes CIRs is mostly limited to to low latitudes on
the Sun, CIRs are not seen as frequently at high solar latitude. However, higher latitude
CIRs can occur as a result of the tilt of the Sun’s dipole, which is around 7°. Gosling and
Pizzo found that at high latitudes, only reverse shocks were found [13]. The transition from
forward /reverse shock pairs to only reverse shocks occurrs at a latitude roughly equivalent
to the tilt of the Sun’s magnetic dipole, and this tilt may be the reason for the effect.

2.2.3 Magnetic Clouds

Magnetic clouds were first defined by Burlaga et al. in 1981 [6] and an example of one is
shown in Figure 2.6. A magnetic cloud is a configuration in the IMF in which there exists
higher than average magnetic field strength and the field vectors rotate parallel to a plane.
Burlaga et al. found that the frequency of occurence of these depends on the solar cycle.
The radius of a typical magnetic cloud at 1 AU is 0.25 AU, and is proportional to heliocentric
distance. Clouds tend to expand with a speed of around 45 km /s and also have translational
motion that is usually equivalent to the speed of the background solar wind. An example of
magnetic cloud data is shown in Figure 2.5.

2.3 Cosmic Rays

A cosmic ray is a high energy charged particle moving through the plasma. It can come
from the Sun, or from outside the heliosphere. Galactic Cosmic Rays (GCRs) come from
outside the heliosphere and have enough energy to penetrate the interstellar bow shock.
As a result, they are often travelling near the speed of light. These cosmic rays frequently
reach Earth and make a significant contribution to the natural background radiation we
experience. When cosmic rays reach Farth’s atmosphere, the particle will crash into it and
break apart. This will generate new particles and gamma rays, which will also interact with
the atmopshere. The gamma rays and particles that finally reach the ground can be traced
back to their parent particles.

The cosmic rays described above are known as Galactic Cosmic Rays (GCRs). There are
also Anamolous Cosmic Rays (ACRs). These are high energy particles that orginated in the
heliosphere and interacted with the termination shock before returning to the inner helio-
sphere. We know that this happens because they disrupt the nominal cosmic ray spectrum.
Forbush showed that cosmic rays are modulated by solar activity. Cosmic ray flux at Earth
increases and decreases with anti-correlation to the solar cycle. The decrease during solar
maximum is known as the Forbush Decrease.
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Figure 2.6: Large scale schematic of a magnetic cloud [6].
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In addition to cosmic rays it is commonplace for neutral particles from the LISM to enter
the heliosphere. In the vacuum of space, there are essentially no barriers to these neutral
particles like there are for the ions.

2.4 Plasma

The constituent particles of the solar wind are at sufficiently high energies that all particles
are disassociated from their molecular bonds. This is the main feature of a plasma. An
important aspect of any plasma is the shielded potential. The shielded potential effect,
known as Debye Shielding, is a result of a group of ions occupying the same area. In the
frame of an ion in space, electromagnetic interactions will result in that ion pulling toward it
ions of opposite charge. The oppositely charged ions pulled in will effectively shield the ion
from other particles and reduce the effects of their forces to the point that electromagnetic
interactions are eliminated outside of the Debye Shield. This spherical potential formed
around the ion has a radius known as the Debye Length.

Another aspect of a plasma is plasma oscillations. Because of the magnetic fields that
exist in the solar wind, the ions are constantly in motion. In a plasma, there exist domains
that are dominated by one charge or another. This happens because the scattering of charges
is not homogeneous. An oscillation can form as a result of an ion drifting into an area that
is dominated by ions of the same charge. The coulomb repulsion will force the ion out of
the domain. However, this ion will go too far and enter a different domain of like charge.
The restoring force is the plasma trying to equilibrate the domains. When this happens to
an ensemble of particles, plasma oscillations result.

2.4.1 Magnetohydrodynamics

One of the most useful ways to study a plasma is with Magnetohydrodynamics (MHD). Some
MHD concepts important to the study of plasmas are magnetic pressure, magnetic tension,
reconnection and flux tubes. Magnetic pressure is a result of energy density in a magnetic
field and is defined by the equation %. When magnetic field lines become compressed, they
will eventually reach a point where they are so dense, they will resist any further forcing. An
example of magnetic pressure is in Farth’s magnetopause. Magnetic pressure there resists
the ram pressure from the solar wind.

Magnetic tension is the rigidity of magnetic field lines. When a magnetic field line is
perturbed it will oscillate then return to where it was. This effect is much like the plucking
of a guitar string. A flux tube is formed by the gyrokinetic rotation of particles. As a particle
travels down a magnetic field line, it rotates in a helical path with a characteristic radius.
An ensemble of identical particles with the same radius form a tube. In a 2008 publication,
Borovsky [5] states that interplanetary space is filled with flux tubes, like a bowl of spaghetti.

2.4.2 Plasma Waves

Central to the study of turbulence in the solar wind is plasma waves. A plasma wave is any
type of disturbance that propagates through the plasma. As a plasma wave propagates, the
fluctuating quantity can be any property of the solar wind, but is often limited to magnetic
field and particle velocity. The plasma waves most important to solar wind study are Alfvén
waves and magnetosonic waves.

13



8 2 6 20 24
TIME (HRS})

Figure 2.7: Alfvén waves. The magnetic field and velocity fluctuate together while the
density remains constant[3].

An Alfvén wave propagates along a magnetic field line. It is similar to plucking a guitar
string and sending a disturbance along the string. The restoring force is magnetic pressure
and tension. When there is a transverse perturbation on the field line, magnetic tension
restores the field line to where it was. In Figure 2.7, we can see Alfvén waves.

Magnetosonic waves have the same restoring force as Alfvén waves but propagate per-
pendicular to the field lines. These are longitudinal waves that compress the field lines,
increasing the density. By compressing the field lines togther, a magnetic field gradient is
formed and the field lines return to where they where.

Belcher & Davis propose several theories for the origin of Alfvén waves [3]. One possibility
is that they are produced by instabilities in the plasma. These instabilities can arise from
expansion of the corona. Another theory is that they are produced locally in the solar
wind. This would be a result of CIRs causing turbulence, which is the origin of the waves.
One problem with this theory is that CIRs are not common enough to explain how many
Alfvén Waves there are in the solar wind. A third theory is that these waves are remnants
of processes occurring in the photosphere and chromosphere of the Sun. A problem with
this theory is that Alfvén waves are more energetic than theory would predict them to be
through damping processes.

Another quantity that relates to solar wind fluctuations and waves which shows a speed-
dependent relationship is 6V - § B where ¢ denotes fluctuations relative to the mean. This is
best studied by putting the magnetic field in Alfvén units by dividing B by ¥4mp where p
is the mass density of the magnetized fluid. By diving the total energy we obtain . = (6V -
dB)/E. This limits the value of §V'-§ B so that it becomes a measure of the angle between the
velocity vector and the magnetic field vector. It is shown in Figure 2.8 (part of the published
analysis covered in Chapter 4) where o, is the normalized angle (1 represents anti-parallel
propagation relative to the mean field, 0 represents perpendicular and -1 represents parallel).
Since the interplanetary magnetic field can be oriented radially inward or radially outward
we can multiply o. by —sgn(Bgr) to obtain a product that is positive for anti-Sunward
propagation and negative for Sunward propagation. Figure 2.8 illustrates an interesting
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Figure 2.8: This plot shows the degree of correlation between velocity and magnetic field in
the solar wind. Most of the time wave propagation is away from the sun, but this analysis
show that sunward propagation can occur frequently.

characteristic of 6V - § B which is the maximum for —sgn(Bgr)o. = —1.0. Recall that the
core maximum at —sgn(Bgr)o. = 1.0 represents anti-Sunward propagation. The smaller
maximum at —sgn(Br)o. = —1.0 represents a population of events dominated by Sunward
propagating waves.

The plasma waves discussed in this chapter are what make up the large scale structure of
turbulence in the heliosphere. As we will see in Chapter 3, an understanding of these waves
forms an essential foundation for the study of turbulence and fluctuations.
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Chapter 3

Fluctuations

Turbulence describes a fluid whose properties are non-deterministic. The solar wind is an
ideal laboratory for in situ turbulence studies because it contains conditions unattainable in
a laboratory setting. In the solar wind, the turbulence is driven by fluctuations; these could
be fluctuations in the magnetic field, velocity, temperature, density or any other plasma
parameter. Understanding these fluctuations can tell us how energy is tranferred in the
plasma.

3.1 Development of turbulence

It has been shown that the magnetic power in a turbulent plasma “cascades” through a
hierarchy of waves. Most of the power resides in the low frequency waves. Damping of the
waves causes the energy to cascade from large wavelengths to smaller wavelengths. As it
goes through this cascade, energy is removed from the system. This process follows a power
law, and the rate of energy dissipation is the spectral index, often referred to as ¢. In 1941,
Kolomogrov published the following formula [18],

where P is the power spectrum of the velocity fluctuations, C} is a universal constant,
€ is the cascade rate and k is the wave number. Even though this study predates in situ
observations, the —5/3 prediction has been observed in the solar wind. In turbulence, there
exist eddies, which are rotating vortices in the fluid. The time it takes for one rotation is the
eddy turnover time. Kolmogorov established the eddy turnover time as 7 = % where A is is
the size of the vortex and v is the speed. This is a characteristic time scale for turbulence.

In 1965, Kraichnan predicted that the critical timescale of the turbulence is the period
of the Alfvén waves rather than the eddy turnover time [19]. This led to a spectral index of
—3/2 rather than the —5/3 prediction of Kolmogorov, described by the following equation:

E(k) = A(cbo) k™ (3.2)

where € is the cascade rate (the rate of energy cascade through the inertial range) and & is
the wave number.

There are three regimes in the turbulent cascade at 1 AU. Frequencies 107" Hz (spatial
scales greater than 4.5 x 10°km) are considered to be dominated by solar source dynamics
(CMEs for example) and are known as the energy containing range that drives interplanetary
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turbulence. Frequencies from 107 Hz to 1 Hz define the inertial range. In this range, power
law spectra are observed and the dynamics are thought to be described by energy cascade
theories. 1 to 10 Hz (and probably higher) is known as the dissipation range where the power
spectral index steepens and dissipation of turbulent energy into heat is thought to occur.
Figure 3.2 shows these regimes.

The transition from the inertial range to the dissipation range is likely caused by various
dynamics including ion cyclotron damping, and results in the steepening of the spectrum.
Thus, the frequency at which this change occurs is near the ion cyclotron frequency.

3.2 Spectral Index

Early studies of plasma fluctuations by Kolmogorov and Kraichnan form an important basis
for more modern theories involving the fluctuations. Coleman [8] used magnetic field data
from Mariner II to perform a spectral analysis of the plasma waves using actual data. In
a subsequent paper [9], the turbulent cascade was shown, with frequency plotted against
magnetic power, and the spectral index was shown to be —5/3.

Belcher & Davis [3] computed the spectral index for the inertial range several years
later. They found that it ranges between —1.5 and —2.2, and that the fluctuations are not
isotropic. This means that the spectral index can change as a function of the angle of the
mean magnetic field with respect to the radial direction. Further, they found that the part
of the inertial range containing the frequencies 10™® Hz to 107! Hz has a power law index
between —1.6 and —1.7 However, the lower frequency end of the inertial range (10~* Hz to
107® Hz has a larger spread, with indices between —1.5 and —2.2.

3.3 Geometry

Geometry refers to the orientation of the wave vectors. The wave vectors parallel to the
mean magnetic field are known as the slab component and the perpendicular wave vectors
are the 2-D component. When studying anglular dependence, the angle ©pgy refers to the
angle between the wave vector and the mean field. In 1990, Matthaeus et al. [24] looked
at correlation functions for magnetic fluctuations. For this analysis they used 16 months
of ISEE-3 data with 5 minute time resolution and analyzed spatial scales of 7.2 x 10* to
4 x 10° km. The result, known as the “Maltese Cross” (displayed in Figure 3.1), shows that
most of the power resides parallel and perpendicular to the mean field, and that intermediate
angles have significantly reduced magnetic power.

In 1995, Goldreich and Sridhar [12] postulated that the spectral index has an angular
dependence. They stated that perpendicular fluctuations are dominated by the timescale
of wave propagation while parallel fluctuations are dominated by the timescale of perpen-
dicular fluctuations. This is known as the critical balance assumption. The critical balance
assumption means that the spectral index for quasi-perpendicular fluctuations is —2, and
the spectral index for quasi-parallel fluctuations is —5/3. Goldreich and Sridhar showed that
for intermediate angles, the spectral index will evolve toward one or the other. As of 2009,
this theory is unproven but evidence is gathering for and against it.

Bieber et al. [4] established a method for distinguishing slab turbulence and 2-D turbu-
lence. They used a correlation matrix to compute where the power is. Bieber et al. assume a
simplified model in which there are only perpendicular and parallel wave vectors. By taking
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Figure 3.1: The Maltese Cross Result [24].
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the ratio of power in the perpendicular wave vectors to the power in the parallel wave vec-
tors, they found which component contains more power. The result of this analysis is that
75% of the power is in the perpendicular component. Bieber et al. used a second test called
the anisotropy test which uses ©gy, and finds that 95% of the power is in the perpedicular
wave vectors. By averaging the results of these two methods, Bieber concludes that about
85% of the power resides in the perpendicular wave vectors.

3.4 Inertial Range

In a low-latitude study of the inertial range using Mariner 2 data, Coleman found a —5/3
slope in the magnetic fluctuations that is consistent with the prediction of Kolmogorov
[9]. The spectrum of the inertial range appears to be different for magnetic and velocity
fluctuations as well. Podesta et al. found, using Wind data, that the velocity fluctuations
in the solar wind have a spectral index of —3/2 [27]. Another aspect of the inertial range
spectrum is the the dependence of the spectral index on wave vector orientation. Recall
that the Critical Balance assumption, postulated by Goldreich €& Sridhar separates wave
vector components by dominating time scale [12]. Horbury found a similar result using a
wavelet method and high-latitude Ulysses data [15]. The frequency range of Horbury et al.
is 15 mHz to 98 mHz. Tessein et al. conducted a similar study using low-latitude data
from the Advanced Composition Explorer (ACE) in the frequency range 1.6 mHz to 16 mHz
with structure functions and found no @ gy dependence [33]. Note that these two studies are
looking at different scales, with Horbury et al. at the high frequency end of the inertial range
and Tessein et al. closer to the middle. This issue, as well as the second order structure
function method, is discussed further in Chapter 4.

3.5 Dissipation Range

The dissipation range is the steepening of the spectral cascade at small length scales. Prior
to the onset of the dissipation range fluid dynamics describe the system. The Navier-Stokes
equation represents these fluid dynamics:

dv(x,t)
ot

—1
+((v-Vjvo=—Vp+ vV (3.3)
)

The MHD equations break down at the onset of dissipation because they are only valid at
lengths greater than the ion intertial scale. This scale, A;;, is given by the following equation:

VA
Nii = 0. (3.4)
where v4 is the Alfvén speed and €Q;. is the ion cyclotron frequency [11]. The ion inertial
scale represents the breakdown of single fluid theory, and the increasing importance of ion
kinetics where the dissipated waves are converted into heat.

The major characteristic of the dissipation range is the steepness of its spectrum, which
was explored by Leamon et al. [20, 21]. Leamon et al. analyzed both the inertial and
dissipation ranges using ACE data. They found a well-formed Kolmogorov spectrum in the
inertial range (¢ = —1.66). The value of ¢ found for the dissipation range was —3.04, but
ranged between —2 and —5. Leamon also found the power in the dissipation range to be 46%
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Figure 3.2: The power spectrum. Notice the frequency at which the slope changes. This
marks the transition from the inertial range to the dissipation range [14].

slab and 54% 2-D. This is a greatly increased slab fraction from the inertial range, which
typically has values of around 11% for the slab component. Smith et al. investiagates why
the dissipation range spectral index varies more than that of the inertial range [31]. They
found that the steepness of the dissipation range is dependent on the cascade rate in the
inertial range.

3.6 Helios Observations

The Helios spacecraft in the late 1970s permitted solar wind measurements close to the Sun
for the first time. Helios took measurements between 0.3 AU and 1 AU. Bavassano et al. [2]
computed spectral indices from Helios observations and found only a slight radial evolution.
Values found from this analysis range from 1.5 to 1.65 at 0.29 AU and 0.87 AU respectively.
This indicates that the spectral index can change with heliocentric distance, however, the
change is minimal.
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Figure 3.3: Result of separation between fast and slow wind. Slow wind (left) has more
power in the perpendicular direction because of the larger gradient in that direction. Fast
wind (right) has a larger gradient in the parallel direction [10].

3.7 Differences Between Fast and Slow Wind

In addition to the plots displayed in Chapter 2 where the differences between fast and slow
streams are shown, there exist differences in the fluctuations as well. Dasso et al. [10]
extend the two dimensional analysis of Matthaeus et al. [24], and separate the solar wind
into fast and slow subsets on a spatial scale of 5 x 10* to 10° km. Any stream slower than
400km/s was defined as slow wind, and faster than 500km/s was defined as fast wind.
Anything between 400 and 500 km/s was excluded to better separate the two populations.
This analysis used five years of data from Advanced Composition Explorer (ACE). Using
correlation functions for large scale fluctuations in the intertial range, they found that fast
solar wind is dominated by quai-parallel fluctuations and slow solar wind is dominated by
quasi-perpendicular fluctuations. This result is shown in Figure 3.3.

3.8 Smaller Scale Analyses

Two publications in 2006 by Smith et al. and one in 2008 by Hamilton et al. [14, 31, 32] study
turbulence at smaller scales from the analyses discussed above. This high frequency regime
is unresolved by most plasma instruments, including the one aboard the ACE spacecraft.
The first paper, Smith et al. [32], focuses on the ratio of magnetic power in the component
perpendicular to the field to the magnetic power in the parallel component (this is known as

2
the variance anisotropy). The variance anisotropy, defined as %, may be a proxy for density

fluctuations in the high frequency range because the density seems to scale with magnetic
power in the parallel fluctuations. Earlier studies predict that the variance anisotropy should
be correlated to proton beta, Bp [32]. Smith et al. found that variance anisotropy varies
as Bp%" (Figure 3.5). Earlier studies also predict a correlation between variance anosotropy
1 5—?. Smith et al. also find this correlation in both open and closed
magnetic field lines (Figure 3.4). Does this mean that Sp and fluctuation level are correlated?
Figure 3.4 shows that these seemlingly unrelated quantities are proportional and includes

further relationships.

and fluctuation leve

Hamilton studied the variance anisotropy further in a 2008 publication [14] (this is de-
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Figure 3.6: Distribution of magnetic variance anisotropy. Black represents open field lines

and red represents magnetic clouds [14].

scribed in more detail in Section 4.2.2). Figure 3.6 shows the distribution functions for
magnetic variance anisotropy. Note that magnetic clouds have high anisotropy in the iner-
tial range but not in the dissipation range. Figures 3.7 and 3.8 show a scatter of variance
anisotropy in the inertial range vs. dissipation range. The inertial range anisotropy is greater
than dissipation range anisotropy which tells us that the dissipation range is generally more
compressive (recall that this is because the density scales proportionally to the parallel mag-
netic fluctuations).

Leamon et al. [21] showed for the first time that there exists a strong correlation between
the magnetic helicity in the dissipation range (normally associated with cyclotron damping)
and the cross helicity in the inertial range (normally associated with propagation direction).
Magnetic helicity is defined by the following equation:

o = <k%> (3.5)
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where Ep(k) is the magnetic energy spectrum. Cross helicity is,

20V - 0B
= —m—— 3.6
7 <5v2 + 5B2> (3.6)
where 4, represents cyclotron damping, which means that Alfvén waves are picked out, while
Yo represents everything besides Alfvén waves. Their theory argues that 2= = — (14270 /7,).

I M

They obtain ;ﬂ; = —2.4, which leads to 1—0 = 0.7. Figure 3.9 shows Hamilton’s cross helicity
analysis. Hamilton finds that o. ~ —2.40y,.
In traditional hydrodynamics, the scale at which the dissipation range appears is depen-

dent on the cascade rate of the inertial range. Leamon et al. showed that the appearance
of the dissipation range in the solar wind does not follow predictions derived from fluid vis-
cosity and resisitivity [20]. However, they did find that the dissipation range dynamics are
in agreement with kinetic plasma theory. Smith et al. found that the spectral form of the
IMF dissipation also does not adhere to the hydrodynamic predictions of Kolmogorov [18]
and that the appearance of the dissipation range has no depedence on the cascade rate [31]
(Figure 3.11). However, they found that the steepness of the dissipation range spectrum is
dependent on the cascade rate (Figure 3.10). Given that that the fluid approximation in the
solar wind breaks down at scales where the dissipation range begins, Smith et al. conclude
that the onset of the dissipation range represents a coupling of a fluid cascade approxima-
tion and kinetic dissipation. They also conclude that the traits of the inertial range have
nothing to do with the onset of dissipation and that traditional hydrodynamics is not a good
approximation for the dissipation range.
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Figure 3.9: Comparison of (o.) to (oas) in the intertial range [14].
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Chapter 4

Tessein Hourly Analysis

The Tessein Hourly Analysis is presented here as a precursor to the CIR study. It was taken
up by the author in 2006 and published February 2009 [33]. The purpose of the study was
to look at distinctions in the dynamics between parallel and perpendicular spectra in the
inertial range. In addition, we looked to resolve evidence of different spectral forms for the
perpendicular fluctuations and search for an anisotropic spectrum by focusing on power law
indices. We did this by looking at how the power law index changes with ©@pg (as explained
in Chapter 3) and extending previous results to the current study.

4.1 Background

MHD turbulence in the presence of a magnetic field has two distinct timescales, the eddy

turnover time, 7,;(k) = - and the Alfvén propagation period, 74(k) = where V4

kuk
is the Alfvén speed V4 = \/%, and k is the wave number. In traditional hydrodynamics,

1
BV’

there is only the eddy turnover time and this is what Kolomogorov used to obtain the —5/3
prediction [18]. The Goldreich & Sridhar model attempts to separate these two timescales
[12] and is shown pictorially in Figure 4.1. This theory creates a separatrix which establishes
in what angles the dominant timescales apply. It shows that nonlinear timescales dominate
quasi-perpendicular fluctuations while wave-like time variations dominate the quasi-parallel
fluctuations. This results in a spectral index of —2 at small angles of ©gy and and —5/3 at
angles near perpendicular. Intermediate angles will evolve between —2 and —5/3. This is
known as the critical balance assumption.

Horbury et al. studied this further using a wavelet analysis [15]. This study used high-
latitude Ulysses data at 1.4 AU on a high speed stream coming out of a polar coronal hole.
The wavelet analysis was used to compute the power spectra in the frequency range 15-
98 mHz. This range is the high frequency end of the inertial range. The result they found
is consistent with the critical balance assumption. All this leads up to the publication of
Tessein et al. [33]. Tessein et al. look at this further using the second order structure
function method [30].

4.2 Data Analysis

The data for this study comes from three distinct data sets. The first is a database consisting
of almost all of the ACE data from 1998 through 2007. It has 64 s resolution, and is analyzed
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Figure 4.1: The Goldreich & Sridhar model. Axes are the perpendicular and parallel fluctu-
ations, and the curved lines denote the boundary between regions dominated by a particular
timescale.

in the frequency range of 1.6 to 16 mHz (the middle of the inertial range). There are roughly
74,000 data points. The second dataset used is that of Hamilton [14]. This dataset comes
from ACE as well and consists of 960 hand picked intervals with 393 intervals from 28
magnetic clouds from the years 1998 through 2002 (solar maximum years). This data has a
3 vector/s magneotometer resolution and analyzes the frequency range 10 to 200 mHz (high
freq. end of the inertial range). The third dataset comes from the Helios 1 spacecraft during
a solar minimum period. This consists of 380 hand picked intervals between 0.3 and 1 AU.
This data has a 6 vector/s resolution and the frequency range analyzed is 5 to 20 mHz. Note
that the Hamilton data set covers the same scales as Horbury.

4.2.1 ACE 64 s Merged Data

The ACE data consists of merged data from the ACE SWEPAM and MAG instruments.
This data covers the time interval from day 23 of 1998 to day 56 of 2007. The vectors in the
data are in the RTN coordinate system where R stands for Radial, T' stands for transverse,
N stands for Normal and R x T' = N. The solar wind nominally flows in the +R direction
unless it is deflected by upstream ejecta. The RT-plane is the Sun’s equatorial plane, and
the + N direction is solar north. The data is subsetted to one hour intervals, and associated
uncertainties are calculated. The data then goes through a linear detrend, and variances
with uncertainties are computed.

At this point, second order structure functions are obtained from 1-10 points, which
represents a lag of 64 to 640 s. The structure function is defined by the following equivalence

(for parameter Z(x))[30]:
So(L) = ([Z(x) — Z(x + L)?) (4.1)
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where (...) denotes ensemble average, and L is the lag. This is done for each component,
and the diagonal elements of the resulting matrix are summed to obtain the magnetic trace.
Resulting structure functions are fit to the form Sy(L) = AL", where ¢ = —(n + 1) is the
implied index of the power spectrum. Then the same is done for the velocity, and the results
of the structure functions are fit to a power law form.

Figure 4.2 shows distributions of computed structure function indices. Recall that these
are related to the spectral index by the equivalence ¢ = —(n + 1). These plots display the
distribution of fitted power law indices and how often each occurs. B, is plotted for having
very few current sheet crossings which can contaminate the samples. We include V,, because
changes in the R component of solar wind velocity over the course of an hour can dominate
the trace. The N component is not subject to as much large scale change, and is useful for
this analysis. We further subset the data into fast and slow wind as defined by Dasso et al.
[10]. Wind speed in the subsets are based on wind speed averaged to a one hour interval.

We see from the plots that the most probable value for n is 2/3 which corresponds to
g = —5/3. V, is centered near 1/2, which corresponds to a —3/2 spectral index. This
magnetic field/solar wind duality is consistent with the findings of Podesta [27], where the
—5/3 magnetic field spectral index agrees with the Kolmogorov [18] spectrum and the —3/2
velocity spectral index agrees with the prediction of Kraichnan [19]. Also, note that the
N components of B and V are about the same as the trace, which eliminates the need to
worry about current sheet crossing and large scale velocity changes. Also recall the predicted
spectral index of —2 from Goldreich & Sridhar [12], and observed by Horbury [15]. We see
—2, but it is very uncommon. The discrepancy between Tessein et al. and Horbury et al.
may have to do with timescales.

Figure 4.3 shows computed uncertainties for the fits. Uncertainties are less than 0.1 and
well determined, so good statistics have been obtained. We have computed error-weighted

means of the form:
(n) =3 (ni/o?) | 3 (1/07) (4.2)
where n; 1s an individual fit index and o; is the error associated with the fit. We can then
compute the variance of the associated distribution:

(02e) = D (i = (0))* 3 (1/07) (4.3)

The two sources of error are individual measurement error and the width of the distribution.
We define the error-of-the-mean as:

0% = (1/N)olue, + 1/ 3 (1/07) (4.4)

Error-of-the-mean is smaller than the plot symbol because each bin contains hundreds
of points and in some cases, thousands. Note that a spectral index of —2 is more than one
standard deviation off the mean, meaning that its occurrence is rare.

Figure 4.4 shows computed indices in the same manner as the above analysis. In this case
the computed power-law indices are a function of @ gr and separated into 5° bins where error
bars represent standard deviation. The plots show that there is no statistically significant
Opr dependence. The spectral index shown in this plot is consistent with the most probable
values from Figure 4.2 and the standard deviations are comparable to the width of the
distributions in Figure 4.2. This means that —2 is consistently more than one standard
deviation from the mean for all values of ©pgpg.
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Figure 4.2: Analysis using ACE data from 1998 through 2007 with 64 s data resolution
averaged to one hour intervals. The top panel shows the distribution of fitted power law
indices for the B tensor. The second panel shows the distribution of fitted power law indices
for the V tensor. The third panel shows the distribution of fitted power law indices for the
north-south component of the B tensor. The fourth panel shows the distribution of fitted
power law indices for the north-south component of the V tensor. Dashed lines indicate n

= 0.5, 0.67 and 1.0 ( ¢ = —1.5, —5/3 and —2 respectively).
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Figure 4.3: The distribution of computed uncertainties in power law indices for each fitted
interval.
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Figure 4.4: Same analysis as Figure 4.2 but fitted power-law indices are a function of Ogg.
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Figure 4.5: Same analysis as Figure 4.4 but samples are limited to those hours when ©p is
smaller than the prescribed angle.

The amount of points in each bin varies. The By, distribution for 40° < Ogr < 45°
contains 5793 estimates of n;. The computed (n;) is 0.674 while the computed standard
deviation is 0.219 and the error-of-the-mean is 0.003. For the bin 0° < Oggr < 5° there are
384 estimates of n;. The computed (n;) = 0.702 while the computed standard deviation is
0.22 and the error-of-the-mean is 0.01. If the Goldreich & Sridhar prediction is to be viewed
as a partial theory that only holds under certain conditions, then it is 1.4 standard deviations
away from the mean. However, if it is a universal theory for MHD then its predictions are
30 standard deviations away from the mean.

It has been said that the wavelet analysis used by Horbury et al. better resolves small-
Opr. We can address the discrepancy with Horbury et al. by limiting our analysis to small
fluctuations of instantaneous ©pggr. This is also helpful because the Goldreich & Sridhar
prediction is based on the assumption that the mean field is much larger than the fluctuations
in the magnetic field. To do this, we define ©p = arctan (B .ms/|Bo|) where By ;s is the
root-mean-square variation of the component of the magnetic field perpendicular to the
mean field direction. In this way ©p becomes a measure of the variability of the field
direction and intervals with both small @gg and small ©p can be inferred to sample the 74
dominated region of the spectrum without contamination from the 7,; dominated portion of
the spectrum. Figure 4.5 shows the computed indices for values of ©p less than 5°, 15°, and
30°. These small angle bins tend to be very depopulated; there are only nine intervals for
Opr < 10° and Op < 5°. Even though these bins do not produce good statistics there is no
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Figure 4.6: Means and variances for fitted power law indices as a function of ©@pp using the
Hamilton database. Top: Mean indices for all open field lines (black), fast wind open field
lines (red), and slow wind open field lines (green). Bottom: Mean indices for all magnetic
clouds.

trend toward ¢ = —2. The spectral index is still —5/3 for the magnetic field and —1.4 for
velocity.

4.2.2 ACE High Reolution MAG Data Analysis

This analysis comes from a data set known as the Hamilton database [14]. Recall that
the Hamilton database consists of 960 intervals from solar minimum years. The intervals,
one to three hours in duration, are handpicked to contain a broad range of solar maximum
conditions, including 28 distinct magnetic clouds. In order to keep the data as pure as
possible, there are no shocks present in this database . The spectra were fit to two distinct
frequency ranges and only those with proper power law form were retained. The purpose
of this database was to test the conclusions of various earlier papers. The analysis found a
spectral index of —5/3 for the intertial range and —5/2 for the dissipation range.

We apply the above dataset to the analysis from Section 4.2.1. The data used here has
a resolution of 3 vectors / s and is analyzing the high frequency end of the inertial range,
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Figure 4.7: Same as top panel of Figure 4.4 excpet using Helios 1 magnetic field data between
0.3 and 1 AU during the years 1974 to 1976 in the frequency range 5-20 mHz.

8 mHz to 100 mHz. Note that the study of Horbury et al. [15] analyzed a similar frequency
range, 15mHz to 98 mHz.

Figure 4.6 shows the results of the study. The power spectrum has been computed over
the specified frequency range and the indices separated into 10° bins. As before, the error
bars display standard deviations; errors-of-the-mean are roughly ten times smaller than this.
Also, the database is again subsetted for fast and slow wind and we add the magnetic clouds
subset. Ogr < 30° appears to be consistent with —5/3. However, 20° < Ogr < 30° and
0° < Opr < 10° suffer from a lack of data points. Indeed, 10° < Ogr < 20° is entirely
absent of fast wind. In spite of this, we see in the angles ©Ogr < 30° that there is no trend
toward —2; if anything, there is flattening at these small angles.

4.2.3 Helios 1 MAG Data

The motivation to use Helios data is to avoid contamination by upstream waves and extend
our analysis closer to the Sun where the turbulence is less evolved. This database contains
380 intervals of IMF spectra from the Helios 1 spacecraft during the years 1974-1976. The
data ranges from 0.3 to 1 AU and the intervals are typically several hours. We use the same
analysis here as was used in Section 4.2.2. The frequency range analyzed here is 5 to 20 mHz,
the middle of the inertial range. Every effort has been made to capture the broadest possible
range of solar wind conditions. Figure 4.7 shows the results of the analysis from the Helios
database. We see from this plot that there is no —2 spectral index. Instead there appears to
be a flattening of the spectrum associated with radial mean field conditions for ©@gp < 40°.
This may be related to the findings of Bavassano et al. [2] that spectral index steepens with
increasing heliocentric distance. Also it is interesting to note that the fast wind is flatter
than the slow wind.
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4.3 Conclusions

It is unknown why the velocity appears to have the spectrum of Kraichnan [19] while the
magnetic spectrum is that of Kolmogorov [18]. Roberts et al. argues that the velocity
spectrum evolves to —5/3 by 5 AU [28], but this dichotomy remains unexplained at 1 AU.
The study of Tessein et al. has found no evidence of critical balance. It does not argue that
—2 spectra are unobserved; rather Figure 4.4 shows that it is present but infrequent. Tessein
et al. [33] and Horbury et al. [15] can be made compatible if we postulate that different
inertial range scales have different properties. As this thesis is being written, studies of the
discrepancy are underway and will be investigated during the summer of 2009.
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Chapter 5

Corotating Interaction Regions at 1

AU

5.1 Motivation

The results of this analysis will be compared with the turbulence parameters obtained from
the Hamilton database (see Chapter 4). The key difference between this CIR study and
Hamilton et al. is that the latter analyzes turbulence during solar maximum conditions that
were taken from nominally homogenous time periods. My database contains solar minimum
events and the CIR is expected to be nonhomogeneous. Since the data of Hamilton et al.
comes from times of solar maximum we will be able to look at how the turbulence changes
throughout the solar cycle. Also, since the CIR is a source region for the generation of
turbulence and the database of Hamilton et al. studied the properties of turbulence with
many distributed sources that failed to resolve source properties, this study will enable us
to study the source properties and potentially separate them from the state to which the
turbulence evolves. If clear distinctions are seen, then we can learn something about the
source dynamics that drive turbulence. If few distinctions are seen, then it may be possible
that the turbulence evolves faster than the source or possesses properties in common with
the source. In addition to comparing our results with results from the Hamilton database
we have also compared these CIR turbulence properties to one another and found that they
are mostly identical to one another.

Figure 5.1 depicts an example of data used for this study. Leading into day 51 the
spacecraft observes slow solar wind that is slowly decreasing in speed. The local IMF is
directed away from the Sun (A < 90°). The density is slowly rising and the temperature is
steady while alpha particle density scales with proton density and IMF fluctuations are low.
At the start of day 51 the wind speed rises, density begins to rise, and IMF intensity rises,
marking the start of the CIR. Over a period of ~ 12 hours the wind speed rises from 400 to
600 km /s and the density peaks. The IMF intensity peaks with the density as the magnetic
field is compressed between the converging flow. By late in the day the spacecraft emerges
into a high-speed wind that is hotter than its previous environment with an increased IMF
intensity, marking the passage of the CIR.
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Figure 5.1: One of the CIRs used for this study. Note the standard feautres of a CIR: spike
in magnetic field and density, and rise in wind speed and temperature.
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Table 5.1: Time intervals of CIRs used in this study.

Year CIR interval (days) Total interval studied (days)

2007 298.25-299.0 297-299 (inclusive)
2007 316.5-318.0 316-318 (inclusive)
2007 351.0-351.5 350-352 (inclusive)
2008 58.5-60.0 56-60 (inclusive)
2008 68.25-69.75 67-70 (inclusive)

5.2 Data

The data used for this study consists of five CIR events from 2007 and 2008. Each CIR
is one to two days long and we analyze the surrounding area such that the entire analyzed
interval encompasses four to five days. Table 5.1 lists the time intervals studied. The data
is broken down by eye into smaller intervals (around one hour) of similar activity. Of this
data only intervals that produced well defined spectra were retained, but the value of the
power law index was not a discriminating factor in the elimination of these intervals. The
power spectra produced were manually split over two freqeuncy intervals; the inertial range
and the dissipation range. The frequency range around the spectral break was not analyzed.
These two frequency intervals were fit to separate power law forms and the power law indices
were recorded. An example of this fitting to separate frequencies is shown in Figure 3.2.

5.3 Results

Figure 5.2 shows two results immediately. First, the IMF fluctuation level as measured
by the integrated spectrum in the top panel increases as the spacecraft passes through the
CIR. Second, the inertial range power law index remains ~ —5/3 throughout the interval so
that the rise in power is derived from a rising spectral form and not a local enhancement
over a limited frequency interval as might be seen upstream of shocks. The dissipation range
spectral index decreases in the fast wind when the IMF fluctuation level is highest in keeping
with Smith et al. [31]. The inertial range slab fraction percentage seems highest before the
CIR and lower in the fast wind behind. This is an unexpected result. The inertial range
variance anisotropy A is modest throughout the interval. There is no magnetic helicity in
the inertial range (as expected) and very little in the dissipation range.

There are key differences between the database used for this analysis and the one used
for the analyses we are comparing to, Smith et al. and Hamilton et al. 2008 [14, 31, 32].
The three previous papers use solar maximum data, while the CIR analysis is during solar
minimum. The main difference we expect from the solar cycle is the fundamental difference
in solar wind speed. Note that the CIR has two distinct solar wind populations: high speed
winds and low speed winds (Figure 5.3). This is because of the structure of a CIR; fast
wind crashing into low speed wind and an interface region marking the transition from one
to another. The Hamilton et al. wind speed distribution is not separated, which is typical
of solar maximum conditions (Figure 5.4)[14].

Another difference is geometry. The three publications being compared to the CIR rep-
resent ambient turbulence. This means that the turbulence doesn’t come from one place in
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Figure 5.2: Summary of a CIR showing typical results of all five CIRs studied. Explanation
of panels from top to bottom: Magnetic power, spectral index, slab percentage, anisotropy
and magnetic helicity. Ay marks the measured spatial scale for the onset of dissipation and
A+ marks the measured Taylor scale (not discussed in this paper).
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Figure 5.4: Distribution of solar wind speeds from Hamilton et al. [14].
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Figure 5.5: Before, during and after the CIR. Outward propagation before and after, but a
mixture of both during the actual event.

particular and is well developed by 1 AU. The CIR turbulence comes from a point source
(the CIR itself) and as a result, might not be isotropic and is expected to be isolated within
the source region.

Figure 5.5 shows three panels from before, during, and after the CIR respectively. Each
panel shows the energy, cross helicity He and sign of the radial magnetic field Bg, properties
which togther indicate the dominant propagation direction. If Ho and Bp are of opposite
signs, then dominant Alfvén wave propagation is outward. If they are of the same sign then
propagation is inward. We see that propagation is outward (as shown by Belcher & Davis
[3]) before and after the CIR but there is a mixture of both during the actual event. This is
something not seen in ambient turbulence, and the only difference we found between the CIR
turbulence and ambient turblence during this study. However, this difference is important
as it indicates local generation of fluctuation energy by means of the flow gradient. Any
smaller scale turbulence within the region is expected to result from the turbulent casacde
of this newly injected energy. It is important to note that Figure 5.5 depicts larger scales
than those we now examine.

Another comparison we can make between CIR turbulence and ambient turbulence is the
correlation between cascade rate and spectral index. Figure 5.6 shows this distribution. We
see that they are correlated in both CIR and ambient (Figure 3.10) turbulence.

We proceed to present further comparisons between CIR turbulence and ambient turbu-
lence that yielded similar results. The Kolmogorov prediction that the spatial scale Vs /vpf
is correlated to the rate of energy cascade [18] has been shown by Smith et al. not to apply to
the solar wind [31]. We find the same result in the CIR, that there is no correlation between
these two values (See Figure 5.7).

Figure 5.8 shows the panel that is analogous to Figure 4 from Smith et al. [32]. In each
of the plots we have good agreement with the results of Smith et al.. In plot (e), where
Smith et al. finds no correlation betwen variance anisotropy and cascade rate, we also find
no correlation in the CIR.

Variance anisotropy was looked at in this study in the same manner as in Smith et al.
[32] and Hamilton et al. [14]. The distribution of variance anisotropy for the CIR turbulence
is shown in Figure 5.9. This appears to be about the same as the ambient turbulence result
(Figure 3.6). In both figures the distinct peak at low anisotropy is present.

Figure 5.10 is analogous to Figure 8 from Hamilton et al. 2008 [14]. Solid lines represent
Hamilton’s trend lines for magnetic clouds and open field lines in the inertial range. Dashed
lines represent Hamilton’s dissipation range trend and the scatter represents CIR data. Note
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Figure 5.9: Variance anisotropy distribution function for CIR turbulence.

that neither population fits the trend lines perfectly, but the dissipation range is more similar
to Hamilton than the inertial range.

In the ambient turbulence publications, it was found from comparing variance anisotropy
in the inertial range to the dissipation range that the dissipation range is slightly more
compressive (See Figure 3.7). Figure 5.11 shows that this is the same for CIR turbulence.

Recall the discussion of the correlation between magnetic helicity in the dissipation range
and cross helicity in the inertial range (See Section 3.8). Hamilton et al. found that o./on =
—2.4 (Figure 3.9). The result for CIR turbulence is shown in Figure 5.12. The line is
o./opm = —2.4 and matches the CIR data very well.
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Chapter 6

Discussion

We have found from the results of analyses discused in Chapters 4 and 5 that scale seems to
be an important factor in the study of plasma waves in interplanetary turbulence. Recall the
unresolved disagreement between Tessein et al. [33] and Horbury et al. [15], which seems to
have arisen from their analysis of different scales. The matter has cropped up again in the
CIR study because at small scales CIR turbulence is the same as ambient turbulence, but
there is a clear difference at large scales. We may be able to explain this in terms of eddy
lifetimes.

We see from Figure 6.1 that the eddy lifetime is shorter at smaller scales. Since turbulence
evolves on the scale of an eddy lifetime, a length scale that contains many lifetimes may be
fully evolved while a scale with fewer lifetimes may not be. This means that small scales
are representative of universal trends while large scales show only local properties. This
makes sense in the case of the CIR because we found common properties between the CIR
and ambient turbulence at small scales, but differences at larger scales. As the energy is
cascading from large scale to small scale in the CIR the turbulence is evolving such that it
matches properties found in the ambient turblence.
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Figure 6.1: Plot of power spectrum (solid) and eddy lifetime (dashed). The time for a parcel
to travel 1 AU is marked by the arrow. [14]
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